We perform two-dimensional MHD simulations of the flux emergence from the solar convection zone to the corona. The flux sheet is initially located moderately deep in the adiabatically stratified convection zone (−20, 000 km) and is perturbed to trigger the Parker instability. The flux rises through the solar interior due to the magnetic buoyancy, but suffers a gradual deceleration and a flattening in the middle of the way to the surface since the plasma piled on the emerging loop cannot pass through the convectively stable photosphere. As the magnetic pressure gradient enhances, the flux becomes locally unstable to the Parker instability so that the further evolution to the corona occurs. The secondstep nonlinear emergence is well described by the expansion law by Shibata et al. (1989) . To investigate the condition for this 'two-step emergence' model, we vary the initial field strength and the total flux. When the initial field is too strong, the flux exhibits the emergence to the corona without a deceleration at the surface and reveals an unrealistically strong flux density at each footpoint of the coronal loop, while the flux fragments within the convection zone or cannot pass through the surface when the initial field is too weak. The condition for the 'two-step emergence' is found to be 10 21 − 10 22 Mx with 10 4 G at z = −20, 000 km. We have some discussions in connection with the recent observations and the results of the thin-flux-tube model.
Introduction
Solar active regions are generally thought to be the consequence of the flux emergence, i.e., dynamo-generated magnetic fluxes risen from the deep convection zone due to the magnetic buoyancy force (Parker 1955) . Observations indicate that the flux tube should be in a coherent form and strong enough so as not to be disintegrated by the turbulent motion during its emergence through the convection zone. For generating such a strong flux, the sub-adiabatically stratified overshoot region at the bottom of the convection zone has been suggested to be the suitable place (Parker 1975) . Therefore, a flux emergence should be understood as a whole process from the base of the convective layer to the upper atmosphere through the surface.
In last two decades, various series of numerical experiments have been carried out to investigate the physics of the flux emergence. For the local evolution above the surface, the pioneering work was done by Shibata et al. (1989) , who performed two-dimensional (2D) magnetohydrodynamic (MHD) simulations of flux emergence through the undular mode of magnetic buoyancy instability (k B, where k and B denote the wavenumber and the initial magnetic field vector, respectively; the Parker instability) to reproduce some dynamical features such as the rise motion of an arch filament system and downflows along the magnetic field lines. Since then, the evolution of an emerging flux and the interaction with pre-existing coronal fields have been studied by 2D and 3D simulations (Nozawa et al. 1992; Matsumoto et al. 1993; Yokoyama & Shibata 1995 , 1996 Fan 2001b; Cheung et al. 2008 ). Nozawa et al. (1992) performed the emergence from the convectively unstable solar interior (the convective-Parker instability), while Yokoyama & Shibata (1995 , 1996 studied the reconnection between the expanding loop and the pre-existing fields in the corona and the subsequent formation of X-ray jets. Three-dimensional calculations by Matsumoto et al. (1993) were performed for the studies of the interchange (k ⊥ B) and quasi-interchange (k B with kH ph ≪ 1, where H ph is the photospheric pressure scale height) mode instabilities. Fan (2001b) compared her 3D simulation results with observed features of newly emerged active regions. Cheung et al. (2008) found that the numerical modeling of emerging flux regions by 3D radiative MHD simulations exhibits photospheric characteristics that are comparable with the observations from the Hinode/Solar Optical Telescope (SOT). These simulations assumed that the initial flux is embedded just below the photosphere ( −2000 km) a priori as a horizontal sheet or a twisted tube. It is because their experiments mainly aimed to clarify the local behaviors in the solar atmosphere. Such an initial structure, however, is not obvious since the initial form depends on its history of pushing through the convection zone. Therefore, a numerical experiment including the evolution from a substantial depth has been needed.
The simulations focusing on the flux emergence within the relatively deep solar interior have been done by using the thin-flux-tube approximation (Spruit 1981; D'Silva & Choudhuri 1993; Caligari et al. 1995) . One of the most important conclusions obtained from the various thin-flux-tube simulations is that rising tubes with small magnetic flux (below 10 21 Mx for 10 4 G at the base) cannot reach the photosphere because the apices of the loops loose magnetic fields and subsequently 'explode' . By assuming the anelastic approximation (Gough 1969; Lantz & Fan 1999 ), Fan (2001a computed the evolution of the 3D undulatory instability of the horizontal magnetic flux layer, which formed arch-like magnetic tubes with downflows from their apices to the troughs. Note that both types of approximations (thin-flux-tube and anelastic) are not applicable in the upper convection zone ( −30 Mm) where the diameter of the flux tube exceeds the local pressure scale height and the flow velocity becomes close to the sound speed. Abbett & Fisher (2003) calculated a flux emergence by connecting the anelastic MHD convective layer and the fully compressible MHD solar atmosphere from the photosphere to the low corona. However, their full MHD atmosphere did not include the upper convection zone. To investigate the detailed behavior of the emerging flux from the convection zone to the atmosphere, we have to deal with the full MHD numerical box including the convective layer, the photosphere/chromosphere, and the corona.
The dynamical behavior of an emerging flux including both the interior and the upper atmosphere is not yet clear, but is thought to obey the following picture, which we name 'two-step emergence' model (cf. Matsumoto et al. 1993; Magara 2001) . Magnetic fluxes emerged from the bottom of the convection zone are depressed and decelerated by the subadiabatic photosphere and extended horizontally around the photosphere/chromosphere.
Meanwhile, fluxes are still transported from below to enhance the magnetic pressure gradient. Finally, the fluxes above the photosphere become unstable to the magnetic buoyancy instability so that the further evolution into the corona occurs. By the development of supercomputers, full MHD simulations in the convection zone without approximations have come to be realizable. The purpose of this work is to investigate the 'two-step emergence' model numerically.
Several experiments have confirmed this 'two-step' model. Magara (2001) studied the emergence of the magnetic flux tube from the convection zone by means of 2.5-dimensional MHD simulations focused on the cross section of the tube. He found the deceleration of the rising flux tube due to the convectively stable photosphere and the subsequent horizontal outflow. Archontis et al. (2004) performed 3D simulations using the criterion by Acheson (1979) to analyze the magnetic buoyancy instability within the photosphere/chromosphere, while Murray et al. (2006) did parameter studies of the dependence of the initial magnetic field strength of the tube and its twist, finding that the tube evolves in the self-similar way when varying the field strength and that the magnetic buoyancy instability and the second-step evolution do not occur when the field is too weak. In these studies, the initial flux tubes are located in the uppermost convective region at some 1000 km depth. Recently, Solar Optical Telescope (SOT) aboard the Hinode satellite (e.g. Tsuneta et al. 2008) observed small-scale magnetic flux emergence. Thanks to high-resolution and high-cadence multi-wavelength observations, Otsuji et al. (2010) found the deceleration of the apex of the arch filament system in the chromosphere, which can be the possible evidence of the two-step model.
In this study, we perform two-dimensional fully compressible MHD simulations to investigate the dynamical evolution from the adiabatically stratified convective layer into the corona through the isothermal (strongly sub-adiabatic, i.e., convectively stable)
photosphere/chromosphere. We set the initial magnetic flux sheet in the moderately deep convection zone at 20 Mm depth, not at the bottom of the solar interior, because the emergence from the base is beyond the computation ability. The numerical results reproduce the two-step model well. However, the picture of the two-step emergence is much far from the previous studies (e.g. Magara 2001; Archontis et al. 2004; Murray et al. 2006) . The location of the initial flux is so deep that the typical wavelengths of the Parker instability (10 − 20 times the local pressure scale height) are different between the primary and the secondary emergence; the first-step evolution occurs at z = −20 Mm and its typical wavelength is about 100 Mm, while, at the photosphere, the second-step emergence has its wavelength of the order of a few 1000 km. We also discuss the dependence of the flux sheet's behavior ('two-step emergence', 'direct emergence' or 'failed emergence') on its magnetic field strength and amount of fluxes through the parameter survey.
The numerical setup and the assumed conditions used in this study are presented in Section 2. We show the typical case of the 'two-step emergence' in Section 3, while Section 4 gives the results of the parameter survey and make some discussions with preceding studies and recent observations. Finally, in Section 5, we summarize the study.
Numerical Model

Assumptions and Basic Equations
We consider an isolated magnetic flux sheet located in a convectively marginally stable gas layer in a two-dimensional Cartesian coordinate system (x, z), where z-direction is antiparallel to the gravitational acceleration. We solve adiabatic two-dimensional (∂/∂y = 0, B y = 0, V y = 0) magnetohydrodynamic (MHD) equations. The basic equations are as follows;
and
where U is the internal energy per unit mass, I is the unit tensor, g = (0, 0, −g 0 ) (g 0 is constant and its value is given below) is the gravitational acceleration, and other symbols have their usual meanings. We assume a ratio of specific heats, γ, of 5/3.
Initial Conditions
The initial magnetostatic gas layer is composed of three regions: hot and cold isothermal layers in upper and middle regions represent a very simplified model of the solar corona and photosphere/chromosphere, and a non-isothermal layer in the lower region models the convection zone (see Fig. 1(a) ). We take z = 0 to be the base height of the photosphere.
The units of length, velocity, time, and density in the simulations are H 0 , C s0 , H 0 /C s0 ≡ τ 0 , and ρ 0 , respectively, where The initial temperature distribution of the photosphere/chromosphere and the corona (z ≥ 0) is assumed to be
where T cor and T ph are the respective temperatures in the corona and in the photosphere/chromosphere, z cor is the height of the base of the corona, and w tr is the temperature scale height of the transition region. We take T cor = 100T 0 , T ph = T 0 , z cor = 10H 0 , and w tr = 0.5H 0 . As for the initial temperature distribution in the convective layer (z ≤ 0), we assume
where
is the adiabatic temperature gradient, and α is a parameter of the temperature gradient of the convection zone. In our calculations, α is set to be unity, i.e., the initial temperature distribution in the convection zone is adiabatic.
The magnetic field is initially horizontal, B = (B x (z), 0, 0), and is embedded in the convection zone. The distribution of magnetic field strength is given by
Here β * is the ratio of gas pressure to magnetic pressure at the center of the magnetic flux sheet, and z 0 and z 1 = z 0 + D are the heights of the lower and upper boundaries of the flux sheet, where D is the vertical thickness of the sheet. We use z 0 = −100H 0 ≃ −20, 000 km.
In all of our calculations, w 0 and w 1 are set to be 0.5H 0 . We take β * = 160 and D = 5H 0 ≃ 1000 km for case 1 (the typical model), so as the initial magnetic field strength B x to be 10 4 G and the total magnetic flux Φ to be 10 21 Mx. To calculate the total magnetic flux, we regard the initial flux sheet as a rectangular prism with a base D (in z direction)
by 10D (in y direction).
On the basis of the initial plasma β distribution mentioned above, the initial density and pressure distribution are calculated numerically by using the equation of static pressure balance:
The initial temperature, density, pressure, and magnetic field strength distributions for the typical case are shown in Fig. 1(b) .
In order to trigger the Parker instability (Parker 1966) in the convection zone, small density perturbations of the form
are initially reduced from the magnetic flux sheet (z 0 ≤ z ≤ z 1 ) within the finite horizontal domain (−3λ/4 < x < 3λ/4), where λ(= 400H 0 ) is the perturbation wavelength, and A(= 0.01) is the maximum value of the initial density reduction. The definition of f (z) is given in equation (12).
Boundary Conditions and Numerical Procedures
The domain of the simulation box is (x min < x < x max ) and (z min < z < z max ), where
, and z max = 200H 0 , i.e., the total size of the box is 160 Mm × 80 Mm. This is much larger than those of the calculations focusing on the emergence from the uppermost convection zone to the corona (e.g. Shibata et al. 1989, etc.) . Periodic boundaries are assumed for x = x min and x = x max , symmetric boundaries for z = z min and z = z max . A damping zone is attached near the top boundary to reduce the effects of reflected waves.
To solve the equations numerically, we use the modified Lax-Wendroff scheme. The Table 1 .
General Evolution
In this section we show the numerical results of the typical case (case 1: B x = 10 4 G and Φ = 10 21 Mx); the results display the 'two-step emergence'. Figure 2 illustrates the development of the density profile with magnetic field lines and velocity vectors, while Figure 3 indicates the height of the apex of the magnetic field z apex and its rise velocity V zapex . The time evolution can be divided into four stages according to the rise velocity at the apex of the emerging field. In the first stage (0 < t/τ 0 < 700), the magnetic flux begins an emergence in the convection zone due to the Parker instability driven by the magnetic buoyancy ( Fig. 2(b) ). The rise velocity increases continuously in this stage (Fig. 3) . The second stage (700 < t/τ 0 < 1900) is characterized by a gradual deceleration (Fig. 3) because the arch-like emerging field becomes deformed to horizontal so that the mass on the apex can no longer fall down along the field lines, and thus continues to pile up on the horizontal field. As a consequence, the emerging flux stretches around the solar surface (Figs. 2(c) and (d)). In the third stage (1900 < t/τ 0 < 2000), the top part of the emerging magnetic flux almost stops at the surface while fluxes are still emerging from below, that is, the magnetic pressure gradient on the upper boundary of the flux sheet continues to enhance.
When the magnetic pressure gradient gets steepened enough, the Parker instability sets in and drives the further evolution into the upper atmosphere (Figs. 2(e) and (f)). In the final, fourth stage (t/τ 0 > 2000), the magnetic flux evolves to the corona due to magnetic pressure, which is consistent with the results of classical calculations (e.g. Shibata et al. 1989 ) (Figs. 2(g) and (h)). In the following, we will discuss each stage in more detail, and examine the dynamical structure of the expanding loop and the related forces acting on the magnetic field.
The initial sinusoidal perturbation in the flux sheet triggers the Parker instability so that the flux sheet begins to rise through the solar convection zone by magnetic buoyancy (Fig. 2(b) ). In this phase, the rise speed enhances continuously as the flux sheet emerges.
The rising flux becomes arch-like shape owing to the stronger buoyancy of the loop center.
The evacuation in the apex by the downflow along the field lines due to gravity leads to the acceleration of the loop until reaching the local Alfvén speed (C A = B/ √ 4πρ). Figure   4 is a close-up view of the evolution between t/τ 0 = 400 and t/τ 0 = 600 of Figure 3 , where a dashed line indicates the rise velocity of the apex, while the local Alfvén speed is represented by a solid line. This figure shows that the rise velocity increases so as to get close to the local Alfvén speed.
3.2. Second Stage (700 < t/τ 0 < 1900)
At around t/τ 0 = 700, the rise velocity changes from acceleration to deceleration (Fig.   3 ), and at t/τ 0 = 1000, both legs of the loop become vertical (Fig. 2(c) ). The central part of the emerging loop flattens and expands horizontally along the surface. Drained gas from the apex flows down along the field lines to each trough, so that the both troughs sink into the deep convection zone.
In this stage, the rise motion turns into the deceleration as seen from Figure 3 . Magara (2001) found that the tube reduces its rise speed and becomes flattened since the rise motion cannot persist through the convectively stable photosphere. Murray et al. (2006) explained that the deceleration process occurs because the downward pressure gradient exceeds the upward magnetic buoyancy when the emerging flux tube is close enough to the surface. In addition, Murray et al. (2006) found a period when the rise speed diminishes due to the aerodynamic drag exerted by the flows surrounding the tube while in the convection zone. In our case, however, the deceleration occurs at much deeper level (z ∼ −50H 0 = −10, 000 km) than the previous studies (z ∼ −850 km). Moreover, our simulation is carried out in a two-dimensional scheme, while the previous studies were done in 2.5D or 3D, so that a three-dimensional force such as the aerodynamic drag does not exert on our emerging loop. Our results are explained by another mechanism as follows. Figure 5 shows the distribution of the density difference from the initial state (∆ρ ≡ ρ(t) − ρ(0)) and the horizontal component of the magnetic field (B x ) along the z-axis at t/τ 0 = 600, t/τ 0 = 1000, and t/τ 0 = 1960. As can be seen in Fig. 5 , the mass piled on the emerging loop cannot rise through the photosphere/chromosphere ranging from z/H 0 = 0 to z/H 0 = 10 because this isothermal (i.e. strongly sub-adiabatic) layer is convectively stable. Figure 6 (a) shows the vertical component of the forces acting upon the apex of the loop. They are gas pressure gradient −∇p = −dp/dz, gravity ρg 0 , magnetic pressure Figure   6 (b) shows the acceleration calculated by dividing the total force with the gas density (F z /ρ = (−∇p − ρg 0 − ∇p mag − t mag )/ρ). It should be noted that the total force F z is much smaller than each force since the rising loop is almost in a mechanical equilibrium. Figure   6 (b) indicates that the acceleration turns from positive to negative at around t/τ 0 = 870, which means the rise velocity changes into deceleration phase at that time.
The deceleration of the crest and the continuous rise motion of the both sides cause the loop flattened, which, in turn, makes the mass left on the flattened loop. As a result, the rising flux decelerates and stretches horizontally beneath and around the surface. This process can possibly explain the formation of the 'initial flux' of the previous studies in much smaller scales (e.g. Shibata et al. 1989, etc.) . We have to carry out three dimensional experiments because another effects such as the aerodynamic drag would act on the actual expanding loops. However, the above-mentioned scheme can explain the deceleration in the convection zone if the emerging field has a sheet-like shape rather than a tubular form.
The field is decelerated and flattened due to the isothermal (sub-adiabatic) stratification on the surface; meanwhile, the fluxes are continuously transported from beneath, that is, the magnetic pressure gradient keeps enhancing at the surface (Fig. 2(e) ). At the location where the magnetic pressure gradient gets steepened enough, the further evolution to the corona occurs on the basis of the Parker instability. At the point of the second-step emergence, a 'pressure hill' (Archontis et al. 2004; Magara 2001 ) is formed, which indicates that the plasma in the photosphere drains out sideways and the magnetic field covers this area, i.e., the stratification is top-heavy (see Fig. 7 ).
To confirm the onset of the Parker instability, we use the criterion obtained by Newcomb (1961) . The criterion for the Parker instability is (Newcomb 1961 )
We plot the index
that is, the area with negative ψ is subject to the instability. Figure 8 illustrates the ψ distribution with field lines just before the second-step emergence at t/τ 0 = 1960. This figure indicates that the index ψ is negative at around the point of emergence; we can conclude that the further evolution to the corona is ascribed by the Parker instability.
At t/τ 0 = 1960, plasma β ≡ p/(B 2 /8π) is order of unity (∼ 2) and the magnetic field strength is about 700 G at the low photosphere within the emergent area, which are consistent with observations (e.g. Watanabe et al. 2008) . Shibata et al. (1989) , the expansion law is written as
where a = 0.05 − 0.07 is about half the non-dimensional linear growth rate for plasma β = 0.5 − 2.0 of the flux sheet. In our study, plasma β of the magnetic field has been calculated to be 2 at t/τ 0 = 1960 before the further evolution begins (see Section 3.3), which suggests that the velocity-height relation is
This relation is overplotted in Figure 9 (a) with a solid line. The other relations given by equations (17b) and (17c) are also overplotted in Figures 9(b) and (c) with solid lines. As seen from Figure 9 , the nonlinear growth to the solar corona is consistent with that of Shibata et al. (1989) .
The size of the coronal loop at t/τ 0 = 2070 is found to be of 400H 0 = 80, 000 km width and 200H 0 = 40, 000 km height, while, at the surface, plasma β is of the order of unity and the field strength is about 4B 0 (= 1200 G).
Parameter Survey and Discussion
We carry out a parameter survey by changing the values of the initial field strength B x and the total magnetic flux Φ of the emerging flux sheet to investigate the condition of the sheet's behavior. A summary of the values of B x and Φ under consideration is given in Table 1 . Figure 10 shows the results of the parameter survey, where diamonds, asterisks, and X's represent 'two-step,' 'direct,' and 'failed' evolution, respectively. Fluxes belong to the direct emergence group do evolve into the corona, however, they do not reveal the deceleration, unlike fluxes of the two-step emergence, while those of the failed emergence fragment within the convection zone or cannot pass through the photosphere. Figure 11 indicates height-time relations of the fluxes along the axis x/H 0 = 0. In this section, we will discuss each group in detail.
Direct emergence
In cases 2 and 3, the fluxes show the emergence to the corona without any deceleration at the surface. In other words, they 'directly' emerge to the corona. As shown in Figure   11 (a), the height-time curves of cases 2 and 3 do not have an inflection point. We name them the 'direct emergence' group. The absence of an inflection implies that their evolutions are not affected by the isothermal photosphere/chromosphere at all since they have extremely strong field (note that these cases can be found in the upper right of Fig. 10 ). Figure 12 shows the time evolution of the density profile, magnetic field lines, and velocity vectors for case 2. Color contour is the same as that of Fig. 2 . Each flux of this group exhibits field strength B ∼ 10 4 G and plasma β ∼ 0.1 at the surface after the emergence, which is not consistent with observations. Therefore, 'direct emergence' model is not suited for the formation model of active regions.
Two-step emergence
Cases 4-7 show the 'two-step emergence' to the corona as well as case 1 (typical model).
Height-time relations of this group are shown in Fig. 11 It is possible that the emerging flux suffers a deceleration beneath the surface and exhibits the 'two-step' evolution, or, in some cases, fluxes show the 'multi-step' emergence since the structure of the rising loop in the convection zone cannot be achieved by the optical observations. To know the structure and the behavior of the flux emergence below the photosphere, advanced local helioseismology is needed (e.g. Sekii et al. 2007 ).
Failed emergence
Cases given in Fig. 10 with X's belong to the 'failed emergence' group (cases 8-14).
Fluxes of cases 9-14 suffer a fragmentation due to the continuous motion within the convection zone, so that further emergence does not occur (see Fig. 13 ). It is because the fluxes have weak fields compared to the local kinetic energy density of flow motion induced by the initial perturbation. Figure 14 shows the ratio of the magnetic energy density E mag to the local kinetic energy density E kin of case 14 along x/H 0 = 0 at t/τ 0 = 4000
( Fig. 13(e) ), where E mag = B 2 /(8π) and E kin = ρv 2 /2, respectively. It reveals that the magnetic energy is weaker than the kinetic energy all over the convective layer. Height-time relations of these fluxes are presented in Figure 11 There are, however, some cases in which, although the fluxes are expected to reach at z = −20, 000 km level by the TFT model, they fail to evolve further (cases 8, 9 and 10).
Especially, case 8 (10 4 G with 10 20 Mx at z = −20, 000 km) reveals the photospheric field strength B ∼ 1 G, indicating it could be the source of the magnetic fields in the quiet sun if the fields are enhanced, e.g., by the flux expulsion due to the magneto-convection at the surface. Interestingly, this flux maintains its coherency all the while and remains floating around beneath the surface after it fails the further evolution to the corona because it has a strong field that is in equipartition with the kinetic energy density (Fig. 15 ). This suggests that the flux of case 8 can be the origin of the ephemeral regions. Flux 8 has 10 20 Mx, consistent with the flux of mid-sized ephemeral regions (Hagenaar 2001) .
Conclusions
We perform the nonlinear two-dimensional simulations to investigate the behavior of emerging flux from moderately deep convection zone (z = −20, 000 km). We set a much wider numerical box (160 Mm × 80 Mm) than those of the previous experiments on the Parker instability (e.g. Shibata et al. 1989 ).
In the typical case (B = 10 4 G with Φ = 10 21 Mx at z = −20, 000 km), the results
show the 'two-step emergence'. In the middle of the way of the first emergence to the solar surface, the flux loop turns from an acceleration phase to deceleration when approaching the (sub-adiabatically stratified, i.e., convectively stable) photosphere/chromosphere. The emerging flux has a sheet-like shape, thus it is difficult for the mass on the loop to escape from the area between the loop and the convectively stable surface. This mass pile-up causes the loop decelerate. The deceleration of the apex of the expanding flux and the continuous rising of the hillsides make loop flattened, which results in the plasma kept on the flux. This deceleration mechanism is another new one and different from those of the preceding studies (Magara 2001; Archontis et al. 2004; Murray et al. 2006 ) with magnetic flux tubes in much smaller regions. However, our result predicts the behavior of a flux within the convection zone, provided the flux has a sheet-like structure . As a result of the deceleration and the flattening, the flux spreads sideways just beneath the surface, at which point the rise velocity of the crest of the loop is almost zero. Meanwhile, the flux is continuously transported from below, then the magnetic pressure gradient enhances locally in the photosphere. We found that the further evolution to the corona occurs on the basis of the Parker instability. At the point of the instability, plasma β is calculated to be order of unity (∼ 2) and the magnetic field strength is about 700 G. In the final stage, the flux shows the nonlinear evolution to the corona, which resembles the classical experiments (e.g. Shibata et al. 1989, etc.) . The second-step evolution is described clearly by the expansion law by Shibata et al. (1989) . We find that the coronal loop exhibits 80, 000 km width with 40, 000 km height, while the field strength of each footpoint at the surface is about 1200 G.
We perform parameter runs by changing the initial field strength B x and the total flux Φ to investigate the condition of the 'two-step emergence'. The results of the runs under considerations can be divided into three groups: 'direct', 'two-step', and 'failed'
emergence. In case of the 'direct emergence', the flux do evolve to the corona, but they do The present calculations are in a two-dimensional scheme solving simplified equations.
Thus we have to demonstrate the more realistic experiments in 3D. At the same time, advanced observations by helioseismological technique are needed to reveal the detail of the emerging flux in the convection zone.
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